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... Also the astronomers surely will not have to continue to exercise
the patience which is required for computation... For it is unworthy
of excellent men to lose hours like slaves in the labor of calculation

which could safely be relegated to anyone else if the machine were used.

— Leibnitz 1674





A B S T R A C T

Active galactic nuclei (AGN) are among the brightest objects in universe and
the least understood. They interact with their environment through several en-
ergy feedback mechanisms such as radiation, winds, and jets. Even though many
details of these feedback processes are still to be worked out, it is certain that
they strongly influence the evolutionary history of their host galaxy and galaxy
clusters. Furthermore can AGNs hold the answers to open standing questions of
observational measurements such as star formation rate quenching in galaxies
and the cooling catastrophe of the intra-cluster medium.
In this work, the effects of AGNs on galaxy clusters were studied with the help
of the TreePM-SPH-code GADGET-3. The main focus lies on the comparison of
two AGN feedback routines, which have the treatment of the radio-mode as their
major difference. Since this is a preliminary study of concepts, low resolution
simulations are used. Whereas the fiducial simulation implements the mechan-
ical outflow, which dominates in the radio-mode, as thermal feedback, the new
simulations impart kinetic energy. This is motivated through the closer agreement
with a unified AGN model.
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1
I N T R O D U C T I O N

Active galactic nuclei (AGN) are the most energetic objects in the Universe. This
compact region at the centre of a active galaxy (the host galaxy of an AGN) com-
prises a broad class of subtypes that collectively occupy a vast parameter space.
The diversity makes it difficult to rigorously categorize these objects, which let to
frequent changes in their definition as more of them were discovered. With our
current understanding, we think of a AGN as an object, which is fundamentally
powered by accretion onto a supermassive (> 105M � ) black hole (SMBH).
The history of our understanding of AGN is a long and complex one, which al-
ways relied on the advances of other research areas. The first documented person
to have observed an AGN is Edward Arthur Fath in 1908. Although back then,
this object was interesting whim for entirely different reasons than they are today
for scientists. During his time at the Lick Observatory, he undertook a series of
observations of astronomical objects, which were then known as "spiral like nebu-
lae". His studies inadvertently settled the question, which reached back until 1750,
when Tomas Wright speculated that some of the nebulae seen in the sky were not
actually part of the Milky Way, but rather independent ’Welteninseln’. Spending
long nights of observing the sky, he wanted to find out the true nature of spiral
like nebulae.

Figure 1.1: Edward
Arthur Fath: 1880-1959

Analyzing his data, he found a absorption line
spectra, suggestive of an unresolved collection of
solar-type stars. He concluded that they needed to be
clusters of stars, which are very far away, outside of
the Milky Way (Fath [70]). This was contra to the com-
mon believe that those objects are nebulae located
in the Milky Ways, sending out a continuous spec-
trum.
However, in the case of one of his observed spiral
nebulae, NGC1068, he noticed that the spectrum is
composite, showing both bright emission and dark
absorption lines. There were six bright lines, recog-
nizable as the ones seen in the spectra of gaseous neb-
ulae.
NGC1068, which is also labeled as M77, is now

known to be a barred spiral galaxy about 47 million light-years away, having
a AGN in it’s centre. After Fath’s publication, NGC1068 gained much attention
and was under more detailed investigation by Slipher [162], Hubble [100], and
Seyfert [156]. The latter published the first systematic study of galaxies with high-
excitation nuclear emission lines, like those of NGC1068, which are now called

1



2 introduction

after him Seyfert galaxies (pronounced ’seefurt’).

Figure 1.2: Carl Keenan
Seyfert: 1911-1960

During the time of WWII, many observatories
scaled back their work and only a few astronomers
where working full time on their research. Therefore,
WWII slowed down the scientific progress in astro-
physics. However, it fueled others, which would be-
come invaluable for the astronomical community. The
most prominent being radio engineering and com-
puter science.

Karl Jansky was the first radio engineer, turning
his attention to the sky. Using a rotatable antenna,
he studied for three years a phenomenon that he de-
scribed as: "a steady hiss type static of unknown ori-
gin". He concluded in 1935 that the radiation came
from the entire disk of the Milky Way, being strongest
in the direction of the galactic centre. This lead to the
beginning of radio astronomy. WWII lead to a great
progress in radio technology, as it was realized, that
maintaining control of a huge army over large distances is impossible, without
having the means for fast and wireless communication. As the war ended, several
groups of radio engineers, who know had the time again to follow their interest,
used the technological advances for the study of radio astronomy.

Just as the military funding enabled radio astronomy to advance, did it give
Alan Turing the ability to turn his theories on computability into practice. At
Bletchley Park he build his first computers named Bomb and Colossus. They were
meant to decipher high-level German army messages produced by Enigma and
the Lorenz machine. The success of the cryptanalysis machines secured Turing
funding by the government also after the war and was asked to build duplicates
of the Bomb for the United States in 1943. John von Neumann, who would later
become the designer of the ’von Neumann’-architecture which still is the basis
of most modern computer designs, became seriously interested in computational
mathematics when he visited England in 1943. During a train ride from London
to Greenwhich, von Neumann wrote his first computing program, which lead to
his realization of the importance of this new technology. When von Neumann
build the IAS electrical computer at Princeton University, which operated from
1952 to 1957, he would give up to 50% of the computer time to the department of
astrophysics. He understood that astrophysics differs from other physical sciences
by the circumstance that its objects of study can be observed but cannot be experi-
mented with. This impossibility of physical experimentation can be compensated
for to a remarkable degree by numerical experimentation. The other point was,
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that many astrophysical problems can’t be solved analytically, making the use of
numerical methods inevitable.

The first breakthrough in radio astronomy was made in 1943 with the realiza-
tion, that at least some radio sources are extragalactic. Until then it was believed,
that the discrete radio sources with small angular sizes originate from ’radio stars’
in our galaxy. Through the joint work of optical and radio astronomy, John G.
Bolton, Gordon J. Stanley and Owen B. Slee identified radio sources with already
optically known galaxies [20]. One radio source, named Virgo A, was found to be
identical with the optical identified galaxy M87. A large elliptical galaxy, with a
jet, which was first described in 1918 by Curtis et al.[43] of the Lick Observatory
as a "curious straight ray [...] connected with the nucleus by a thin line of matter".

Figure 1.3: This Hubble Space Telescope
photograph shows the jet of matter ejected
from M87 at nearly the speed of light, as
it stretches 1.5 kpc (5 kly) from the galactic
core.

The progress in radio surveys,
position determinations, and optical
identifications, enabled Baade and
Minkowski[6] in 1954 to take emis-
sion lines of two radio sources, Cas
A and Cyg A, and estimate their red-
shift to be z � 0.05, implying an
enormous luminosity of 8 � 1042erg/s
(as a comparison the bolometric so-
lar luminosity is 3.83 � 1033erg/s) in
the radio (for the now known values
of H0 the radio luminosity is even
larger).
These results were puzzling, since
such tremendous energy outputs where
hitherto unseen and propelled the in-
terest to find theoretical frameworks.
First attempts tried to explain the
galactic radio background in terms of
thermal emission by interstellar dust
(Whipple and Greenstein[190]), free-
free emission by ionized gas in the in-
terstellar medium (Reber[142]), and ex-

tragalactic "radio stars" (Alfvén and Herlofson[4]). The discovery by Woltjer[191]
in 1959, that a mass of M > 1.3 � 108 M � in the central 100pc is required, to ex-
plain the concentration of emission of the nucleus of the Milky Way and NGC1068

brought us a stop close to the current understand of AGN. With such a high mass,
Hoyle and Fowler[98] found out that the luminosity could be explained with an
massive object in the centre of these galaxies, emitting mainly by accretion pro-
cesses of a surrounding disk of gas. This idea was taken further by Salpeter [149]
and Zel’dovich and Novikov [193], who assumed that the accreting body in the
centre could be a SMBH. The idea of a SMBH in the centre of active galactic nuclei
and also in the centre of our own galaxy was a powerful model. It explained not
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only the large energy output based on the release of gravitational energy through
accretion phenomena, but also the small size of the emitting regions.

The advent of the use of computers in astrophysics in the 50’s was mainly to
understand stellar physics, which is highly non-linear and can’t be analytically
solved. The 60’s saw the beginning of N-body simulations due to Von Hoerner
[187] and Aarseth and Hoyle [1], who simulated clusters of stars (N = 4 � 16)
and galaxies (N = 25 � 100) respectively. With the development of fast and effi-
cient algorithms to deal with collisionless systems, such as particle-mesh codes
Hockney and Eastwood [95] and the tree method Barnes and Hut [8], cosmolog-
ical dark matter only simulations made a leap forward. For collisional systems,
regularization techniques were developed to deal with close encounters and bi-
nary dynamics (e.g. see Aarseth’s NBODY-X code series based on KS and chain
regularization - Aarseth and Aarseth[2] and references therein).

Figure 1.4: Aarseth’s simula-
tion of a N = 50 galaxy

Next to advancements in algorithms grew the
CPU speed exponentially, making larger simula-
tions possible. Today’s N-body simulations are per-
formed with up to 72103 � 374 � 109 particles
for a collisionless cosmology (New Horizon sim-
ulation, Kim et al. [110]). Simulations of AGN
gave us insight in the evolution of galaxies, oth-
erwise unattainable. They gave explanations to the
sharp drop-off in the galaxy mass function above
M � ' 1011M � , prevention of the cooling catas-
trophe in galaxy clusters, and the production the
hot gas atmospheres seen around many galax-
ies.

Having started as a narrow discipline, AGN research combines now many ar-
eas including large-scale structure formation, galaxy evolution, particle physics,
and the physics of extremely energetic phenomena like g-ray jets just to name a
few. Whereas in the mid-70’s about 200 articles were being published in refereed
journals per year on AGNs, now more than 1000 become publicised.

This thesis will give a glimpse onto the current theoretical and observational
pictures of AGNs in Ch. 2. How cosmologies with the current theoretical frame-
work are explored with the help of smoothed particle hydrodynamics (SPH) is
outlined in Ch. 3. An analyzes of the resulting simulation space is given in Ch. 4,
followed by the discussion Ch. 5 and ending with the conclusion Ch. 6.
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Figure 1.5: Volume of the universe accessible through the New Horizon simulation, i.e.
the full observable universe. At the edge of the disk extracted from the full
celestial sphere, we find the Cosmic Microwave Background
Graphic from the DEUS consortium.





2
T H E O B S E RVAT I O N A L P I C T U R E O F A G N S

Active galactic nuclei 1 stands for galaxies with a accreating supermassive black
hole (SMBH) in their centre. In the 13th ’Veron Catalog of Quasars & AGN’,
168.941 objects are registered [184]. It is estimated that in the local universe, at
z � 0.1, about 1 out of 50 galaxies contains a fast accreting SMBH, and about 1 in
3 contains a slowly accreting supermassive BH.
In the following, a summary on the current understanding of AGN based on
observational and theoretical models is given.

2.1 agn origin

Over the past decades, a growing body of observational and theoretical evidence
has suggested that SMBHs exist in the centres of all galaxies with spheroids (e.g.
Kormendy and Richstone [113]; Ferrarese and Merritt [73]) and that the properties
of these SMBHs are tightly correlated with the properties of the spheroid in which
they reside.
The exact mechanisms leading to the tight observed coupling between galaxy
spheroidal components and central AGN are not yet fully understood, although
it has long been recognized that the formation mechanisms of SMBHs (e.g. Silk
and Rees [160]) and stars (e.g. Dekel and Silk [50]) are most likely self-regulating.
These results suggest that the same processes that shape galaxy spheroids also
act on the central BHs. Correlations between AGN activity and other processes
provide other clues about the mechanisms that lead to the buildup of the SMBH
population.
The massive BHs present in the centres of galaxies are likely to have started their
lives as ’seed’ BHs. The typical masses of seed BHs remain somewhat uncertain,
and depend upon the mechanism by which they form. Plausible mechanisms
include the collapse of Population III stars, giving rise to BHs with masses in
the range 102 < M BH < 103 M � (e.g. Madau and Rees [117]; Islam, Taylor, and
Silk [102]), and direct collapse of matter in high-redshift, low angular momentum
haloes, which may give rise to seed BHs with masses � 105 M � (e.g. Begelman,
Volonteri, and Rees [15]6; Volonteri and Natarajan [186]). These seed mass BHs
can then grow either by mergers with other BHs or through accretion of gas
and/or stars.

2.2 agn types and unification

The mystery of AGNs is that they produce very high luminosities in a very con-
centrated volume, probably through physical processes other than the nuclear

1 As it is used since 1968, when at the Solvay Conference on Physics, V.A. Ambartsumian addressed
the "enormous explosions" taking place in galactic nuclei and called them ’active nuclei’.

7



8 the observational picture of agns

fusion that powers stars. AGN are thus special laboratories for extreme physics
which one would like to understand. They are also our principal probes of the
Universe on large scales, so understanding them is essential to studying the for-
mation and evolution of the Universe.
Nowadays, AGN are defined by six main properties, as stated by the National
Radio Astronomy Observatory:

(i) very compact angular size

(ii) high luminosity

(iii) Continuum emission from the core, meaning that the objects emit radiation
at a range of wavelengths from radio to X-ray and sometimes even g-range

(iv) emission lines, which can in some cases be up to 1000 km s� 1

(v) variability of the continuum and spectral line emission

(vi) strong emission of radiation at radio wavelengths

Besides these common factors, AGN span a vast parameters space. Masses of
the central BH can range from 105 � 1010 M � and bolometric luminosities have
been measured from 1041 � 1048 erg s� 1 (108 � 1015 L� ). This has led to a division in
many subgroups and the attempt to find a unified model. Thereby it is important
to note, that the classification of an AGN depends on the frequency range in
which sources are studied. This has the consequence, that the same object can
belong two to AGN subgroups simultaneously.

A general scheme, shown in Table 2.1, which tries to classify AGNs is a modi-
fied version of Tadhunter[177], who uses separate types for LINERs and Blazars.
It is based on the emission lines visible in the optical domain.

Type Optical lines Radio-quiet Radio-loud

Type-I Broad and narrow Seyfert 1 FSRQ, SSRQ, BLRG

lines Seyfert 1.5

NLS1

Type-II Narrow lines only Seyfert 1.8, 1.9, 2 NLRG, type 2 QSO

Weak narrow lines LINER/LLAGN WLRG

Type-0 No lines SgrA � ?(a) BL Lac, OVV, FSRQ

QSO (BALs)

Table 2.1: The general AGN classification, based on the emission lines visible in the opti-
cal domain. Images of some AGN types can be found in the appendix A.3
(a) It is not quite clear yet how to classify SgrA � . Currently ALMA is observing
SgrA � with the longest baseline ever used with ALMA. The results will give us
more clarification.

In the following, the main differences between AGN Type-0,-I,-II, radio-quiet,
and radio-loud will be clarified.
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2.2.1 AGN of Type-I, Type-II and Type-0

Type-I and type-II AGNs are mainly differentiated through the obscuration of the
central region.
Type-I AGNs are those objects with little or no obscuration of radiation in the cen-
tral � 1000 Rg around the BH (with Rg the gravitational/Schwarzschild radius,
given in App. ). Furthermore do they have very broad permitted lines, more than
about 1000 � 30.000 km s� 1. 2

Type-II AGNs have a completely obscured line of sight to the centre at UV, opti-
cal, and NIR wavelengths and permitted lines with FWHMs that are significantly
smaller than of type-I AGNs (< 1000 km s� 1) and are consistent with the velocities
of stars in the host galaxy.
Due to the ambiguity of the threshold between type-I and type-II AGN, there
always are exceptions to this simplified scheme. Thus, line width by itself cannot
be used to distinguish thoroughly type-I from type-II AGNs.
In most type-I sources, the forbidden lines are considerably more narrow than the
permitted lines. In type-II sources, the width and other features of the forbidden
line profile are very similar to the permitted lines. An additional difference be-
tween the groups is the line EW. In high-luminosity type-I AGNs, the forbidden
lines are seen against the AGN continuum, and hence their EWs are considerably
smaller than in type-II sources, where the lines are seen against the (fainter) stel-
lar continuum.
To detect and measure the line-of-sight-obscuring column in AGNs is most effi-
ciently done with X-ray observations. Numerous observations of type-II sources
show a wide column density distribution with a peak at around 1023 cm2 and a
long tail toward very large columns. X-ray obscuration is not restricted to type-II
AGNs. In fact, most low-luminosity type-I sources show some X-ray absorption
along the line of sight with column densities that range between 1021 and few
1023 cm� 2.

Very different from the other two are type-0 AGN, which represent a small sub-
group of very unusual spectral characteristics. An prominent example are blazars,
which can be subdivided into BL Lacertae (BL Lac) , flat-spectrum radio-loud
quasars (FSRQ), optically violently variables (OVV) and highly polarized quasars
(HPQ). Blazars are highly variable core-dominated radio-loud sources showing
polarization at radio and optical wavelengths. Many blazars are also powerful
g-ray emitters, and some of them show indications of superluminal motion. To
be more specific, a blazar is defined as an AGN that shows one or more of the
following properties:

(i) Intense, highly variable high-energy emission in the g-ray part of the spec-
trum.

2 It is necessary to mention here, that different thresholds have been used in the literature to distin-
guish type-I and type-II AGN ranging from 1000 km s� 1 (e.g. Stocke et al.[173]) up to 2000 km s� 1

(e.g. Fiore et al.[75]). The minimum and maximum value found in literature are further used to
define type-I AGNs.
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(ii) Intense, highly variable radio emission associated with a flat radio spectrum
and, occasionally, superluminal motion.

(iii) Radio, X-ray, and/or g-ray jet with clear indications for relativistic motion.

(iv) A double-peak SED with a lower-frequency peak at radio-to-X-ray energies
and a high-frequency peak at X-ray-to-g-ray energies.

(v) Very weak (small EW) broad and/or narrow emission lines indicative of
photoionization by a nonstellar source of radiation on top of a highly vari-
able continuum.

The common model for blazar emission is that these sources are quasars in which
a relativistic jet is pointing at the observer, or very close to the observer’s line of
sight.

2.2.2 Radio-quiet and Radio-loud AGN

The definition, what a radio-loud and a radio-quiet AGN is, has not always been
the same over the years. Nowadays, radio-loudness is usually defined as flux
ratio of the radio band versus the optical band. Sramek and Weedman[168] used
K-corrected3 flux values,

z =
l observed� l emitted

l emitted
=

uemitted� uobserved

uobserved
(2.1)

of the observed versus emitted energy band, defining the radio-loudness as:

R� =
f5GHz

f
2500

�
A

(2.2)

Sometimes a source is called radio-loud when the simple flux ratio is larger than
10, or if the radio luminosity is larger than Lr > 1033 erg s� 1 Hz� 1 (Stocke et
al.[173]). For radio-quiet, Peterson[135] used as definition 0.1 < R < 1. Another
way to make the distinction is to use the spectral slope between the optical and
radio band. This can be defined as

aro =
logL5GHz

L
2500

�
A

logur
uo

=
logR�

5.38
(2.3)

Here, sources with aro > 0.35 (R� > 76) are called radio-loud (Della Ceca et
al.[52]).
Another difference in appearance is, that radio-loud objects produce large scale
radio jets and lobes, with the kinetic power of the jets being a significant frac-
tion of the total bolometric luminosity. Whether jets are ubiquitous in AGN (as
theorized by Mannheim[118]) or only found in radio-loud AGN (as the work of
Lal, Shastri, and Gabuzda[114] suggests) is still debated and depends mainly on

3 K correction to an astronomical object’s magnitude allows a measurement of a quantity of light
from an object at a redshift z to be converted to an equivalent measurement in the rest frame of the
object.
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the achievable resolution of the central region. So far, of all detected AGN, 10%
possess a jet. However it may be, that one can say that the weak radio ejecta of
the radio-quiet objects are energetically insignificant.
With surveys such as SDSS [174], NVSS [38], and FIRST [12], very detailed statis-
tical studies of the AGN host galaxy were made possible. Thus now it is known,
that radio-loud objects are associated with elliptical galaxies which have under-
gone recent mergers, while the radio-quiets prefer spiral hosts.
Furthermore is the space density of radio-loud AGN at a given optical luminosity
� 10 times lower than that of the radio-quiet AGNs.
Additionally, only the radio-loud AGN are prolific emitters of gamma radiation
(photons with energies above � 100 keV), which believed to result from Compton
scattering within the relativistic jets.
The radio-loud AGN have variability characteristics that are distinct from their
radio-quiet counterparts. Variability in these objects is widely believed to be dom-
inated by emission from a relativistic jet.
Moreover, studies (e.g. Best et al.[17]) have shown that the fraction of radio AGN
increases strongly for more massive galaxies, suggesting that radio jets are more
readily triggered in galaxies with more massive black holes.

2.2.3 AGN Uni�cation

A fundamental question in AGN research is, whether all these distinct appear-
ances of the AGN phenomenon can be explained by a common underlying model,
or whether the different classes are intrinsically distinct.
The first attempts to construct unification models for AGNs were in the 80’s fol-
lowing various polarization experiments that were able to show the presence of
broad emission lines in polarized light in type-II sources. The present generally
accepted unified scheme depends on the following parameters: orientation, black
hole mass, accretion rate in terms of Eddington ratio, and covering factor.
Using a axisymmetric model, Antonucci[5] could explain with the orientation of
the axis, and a central obscuration the spectral differences between type-I, type-
II, and type-0 AGNs (see Fig. 2.1). The central obscurer is toroidal and the exact
structure is an active field of research. Current results are in favor of a clumpy
structure [63] instead of a smooth one [136] (as was assumed earlier, mainly due
to computational limitations). For a clumpy structure the covering factor has to
be added to the parameters in the unifying scheme. It gives the probability of de-
tecting a type-I or type-II AGN depending on the observing angle with respect to
the axis. Models involving central tori of different properties are quite successful
in explaining many AGN properties, including the relative numbers of type-I and
type-II sources in the local universe.
A direct correlation of the radio luminosity with black hole mass had been found
in several investigations. This connection has roughly the form of Lr µ M 2.5

BH ,
according to Franceschini, Vercellone, and Fabian[76], and confirmed in several
other studies (e.g. [130]). Thus, following this result, an AGN is radio-quiet of
radio-loud depending on its black hole mass. On the contrary, Ho[94] did not
find a simple relation between the radio luminosity and M BH. This motivated
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Component Distance in Rg Density in cm� 1 Ionization parameter Characteristics

Jet 0 � 103 found in 10% of all observed AGN

Accretion disk � 100 � 1015 Uoxygen= 10� 3 � 10� 1

BLR 104 � 105 � 1010 Uhydrogen� 10� 2 high velocity, high

density gas on pc scales

Torus 105 � 106 103 � 106 Uoxygen= 10� 2 gaseous & molecular absorbing

medium in equatorial plane

HIG � 105 105 � 105 Uoxygen= 10� 2

NLR 107 � 108 105 � 105 Uhydrogen= 10� 2 lower velocity, lower

density gas on kpc scales

Starburst 107 � 108 100 � 103 Uhydrogen= 1 � 10� 2

Table 2.2: AGN components: Location, density, ionization parameter, and characteristics

Garofalo, Evans, and Sambruna[80] to consider the relative spin of the central
black hole with respect to the accretion disk to be the crucial unifying factor. This
scheme predicts that the highest prograde black hole spins might be discovered
in the least active AGNs. This scenario is supported by a theoretical approach of
Daly ([45], [46]) determining the black hole spin that is model-independent, but
assuming that spin changes only by extraction of the reducible black hole mass.
This shows us, that the separation of AGN into sources with and without a jet
(radio-quiet and radio-loud) is not as clean as assumed in the past.
If the unified scheme is considered as correct, one can derive the following AGN
composition:

Even though the present unified scheme has been quit successful in explaining
many AGN phenomena, many recent findings are posing challenges (e.g. [108]).
With the evaluation of current (Herschel Observatory) and future space-based IR
observations (James Webb Space Telescope), the judgement of the correctness of
the current unified scheme will be guided.
The final quest is to find a grand unified scheme which not only applies to BH in
AGNs, but also to the galactic black holes (GBH).
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Figure 2.1: Schematic representation of our understanding of the AGN phenomenon in
the unified scheme. The type of object one sees depends on the viewing angle,
whether or not the AGN produces a significant jet emission, and how powerful
the central engine is. Note that radio-loud objects are generally thought to
display symmetric jet emission.
Graphic by Beckmann and Shrader [13].



14 the observational picture of agns

2.3 agn accretion

Over the past decades, a picture has emerged in which SMBHs are embedded in
dense stellar systems in the centres of galaxies and increase their masses primar-
ily by the accretion of gas (e.g. Begelman and Rees [14])
In an astrophysical context, accretion describes the inflow of matter toward a cen-
tral gravitating object. It is one of the most ubiquitous processes in astrophysics,
traversing many scales. Starting with small objects such as comets, which can
form by accreting cometesimals in the Oort cloud, up to galaxies, which formed
early in the universe as gas flowed in toward the centre of gravitational potential
wells established by dark matter.

The first hypothesis on the formation of large gravitating bodies, came from
R.M. Du Ligondes Du Ligondès and Moreux[57], T. C. Chamberlin Chamber-
lin[30], and F.R. Moulton Moulton[127] in the beginning of the 20th century. How-
ever, their ideas remained unnoticed, until O. Yu. Schmidt revived them in the
1944, which lead to an increasing interest into analyzing accretion processes.
As accretion processes were studied more carefully, it became apparent that it
is a highly efficient way of converting rest mass energy into radiation, with an
efficiency of � 10% 4. Thus, a lot higher than nuclear burning in the core of stars,
which liberates at most � 0.7% of the rest mass energy. This realization led to
believe, that a massive BH could be present in the centre of a AGN, as mentioned
in Ch. 1.
Nowadays there are many different accretion models for different scenarios. De-
tails of the exact nature of BH accretion flow remain to be worked out, however,
disk accretion scenarios are strongly favored by theoretical arguments.

The simplest accretion scenario one might consider is a spherically symmetric
flow onto a compact object which is at rest with its surrounding. It is generally
referred to as Bondi accretion, although F. Hoyle and R. Lyttleton lay the foun-
dations for him (Hoyle and Lyttleton [99]; Bondi and Hoyle [23]; Bondi [22]). A
compact object will accrete matter at an approximate rate of

Ṁ = 4p r2r (r)u(r), (2.4)

where r (r) and u(r) are the baryon density and velocity at a given radial distance
r .

To find the total accretion rate r needs to be integrated. A useful starting point
for the integration is the radius rsonic at which the gas inflow becomes supersonic.
The radius is found through the Euler’s equation by setting u = cs, where cs is
the sound speed, which gives

rsonic =
GMBH

2c2
s

. (2.5)

4 An insight into the derivation of such efficiency is given in App. A.2
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Now the Bernoulli integral can be used to relate cs and r at distance r with r¥ ,
assuming a polytropic medium,

c2
s,sonic = cs,¥

�
2

5 � 3g

� 1/2

,

r sonic = r ¥

�
cs,sonic

cs,¥

� 2/(g � 1)

,

(2.6)

where the raltion c2
s µ r g � 1 was used.

Inserting equ. 2.6 into equ. 2.4 gives then:

Ṁ = p G2M 2
BH

r ¥

c3
s,¥

�
2

5 � 3g

� (5� 3g)/2(g � 1)

(2.7)

For g ! 5/3, the accretion rate becomes

Ṁ = p G2M 2
BH

r ¥

c3
s,¥

= p
�

GM
c2

s,¥

� 2

r ¥ cs,¥

= p r2
accr ¥ cs,¥ ,

(2.8)

where racc is the accretion radius and represents the approximate radius of influ-
ence of an accreting body. It is defined as:

racc = GMBH/c2
s,¥ . (2.9)

However, in most cases the ambient medium is not at rest (e.g. BH moving
through a uniform interstellar medium). The compact body is then exposed to a
wind of velocity uw,¥ which it accretes. Setting the potential and kinetic energy
of the wind medium equal, gives us an approximation for the accretion radius:

rw,acc =
2GMBH

u2
w,¥

. (2.10)

Inserting this in the Bondi accretion rate (equ. 2.4) gives

Ṁ =
4p G2M 2

BHr ¥

u3
w,¥

. (2.11)

Bondi went further than this and treated the accretion in its velocity- and tem-
perature limit seperatly, to arrive at an intermediate result between those two
extremes:

Ṁ =
4p G2M 2

BHr ¥

(u2
w,¥ + c2

s,¥ )3/2 . (2.12)

Ultimately, accretion onto a compact object is limited by the effects of the radi-
ation pressure experienced by the in-falling plasma, which forms close to the
centre. This limit, first pointed out by Arthur Eddington in the 20’s, depends on
the mass of the compact object and the mean opacity of the in-falling material.



16 the observational picture of agns

The Eddington limit therefore describes the balance between the force of radia-
tion acting outward and the gravitational force acting inward. The observational
quantity corresponding to the critical mass-accretion rate is the Eddington lumi-
nosity, LEdd. It can be obtained by using the hydrostatic equilibrium equation

dP
dr

=
� GMr

r2 , (2.13)

together with the radiation pressure equation,

dP
dr

=
� sTr
mpc

LEdd

4p r2 . (2.14)

Here, M is the central object mass, sT is the Thomson scattering cross-section
and mp the proton mass. This leads to:

LEdd =
4p GMmpc

sT
' 1.3 � 1038 M

M �
erg s� 1 . (2.15)

One knows that the Eddington limit is reached, if the ratio between the bolo-
metric luminosity and Eddington luminosity equals one.
However, Bondi accretion is unlikely to power AGN, as has been found by mea-
suring the X-ray luminosity of nearby nonactive galaxies, which were orders of
magnitude smaller than what would be predicted based on the Bondi accretion
rate.

Through the law of conservation of angular momentum, one knows that or-
biting material always settle into a disk. Even though this is and was common
knowledge, it was much harder to write down a mathematical model for it. The
problem is that the total angular momentum of the system must be conserved,
thus, the angular momentum lost due to matter falling onto the centre has to be
offset by an angular momentum gain of matter far from the centre.
The physical mechanisms underling this transport of angular momentum is an
active field of study. Though, an common used approximate solution was found
in the 70’s by Shakura and Sunyaev[157], which is now called the a-disk model.

Theoretically there are parameter-space regimes where the assumptions of the
a-disk model break down. This can happen if e.g., the viscosity of the disk is
high, prohibiting efficient cooling and causing thickening of the disk into a torus.
Possible observational arguments for such case are found in the presence of
double-peaked emission lines, most commonly in Ha, as found by Eracleous and
Halpern[65].

It has been shown that X-ray binaries switch between two states: 1) ’low/hard’
state: a steady radio jet is present and the hard X-ray spectrum is observed 2)
‘high/soft’ state: the jet vanishes and the X-ray spectrum shows a soft, thermal
component.

The multitude of different AGNs, has lead to the question, whether it actually is
possible to construct a simple unified model that accounts for the different modes
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of AGN in a cosmological framework. First attempts have been made ([36]; [42];
[124]), motivated by the observational findings of X-ray binaries ([71]; [79]). It has
been shown that X-ray binaries switch between two states:

(i) ’low/hard’ state: a steady radio jet is present and the hard X-ray spectrum
is observed.

(ii) ’high/soft’ state: the jet vanishes and the X-ray spectrum shows a soft, ther-
mal component.

The transition between these two states is regulated by the accretion rate on the
BH, where the threshold value is of the order of 10� 2 � 10� 1 Ṁ Edd. The ’low/hard’
state corresponds to optically thin, geometrically thick and radiatively inefficient
accretion, as described by the theoretical Advection-Dominated Accretion Flow
(ADAF) ([128]) model. The ’high/soft’ state can be explained by the standard,
optically thick and geometrically thin accretion disc ([157]), with BH accretion
occurring at high rates and in a radiatively efficient mode. This suggests that there
are also two distinct phases of AGN accretion: the radio-mode and the quasar-
mode correspond to the ’low/hard’ state ([147]; [125]) and ‘high/soft’ state (e.g.
[64]; [140]) respectively.

2.4 agn feedback

As was outlined in the previous section, accreted matter will lose energy through
radiation when it gets closer to the BH. To get an rough idea of the order of mag-
nitude of energy which is liberated, one can do a simple back-of-the-envelope
calculation and assume EBH = eM BHc2, where e is the efficiency (10% as men-
tioned before). If one takes the Andromeda galaxy as an example, which carries
a SMBH of � 1.8 � 108M � ([16]), one finds that EBH � 2 � 1062 erg s� 1 is released
through the growth of the SMBH. The binding energy of matter to its host galaxy
can me approximated with Egal � M gals2, where s stand for the stellar veloc-
ity dispersion. The mass of the Andromeda galaxy is � 1.5 � 1012 ([133]) and
s � 160 km s� 1 ([82]). Using this simple calculation, one finds that EBH/Egal > 40.
Thus the energy produced is enough to heat and blow away the entire gas con-
tent of the galaxy and prevent cooling. However, since Andromedas SMBH is not
accreting at the moment, this is not happening.
Fortunately accretion energy does not significantly affect the stars already exist-
ing in the host galaxy, or there would not be any galaxies as we know them. Albeit
it can have a profound impact on e.g. the star formation rate (SFR) in the galaxy.
To what extent AGN feedback influences the fate of it’s host galaxy or the cluster
in which the host galaxy resides is one of the largest controversies in extragalac-
tic physics. On one side is the claim of little to no interaction, meaning that a
SMBH is at the centre of a big galaxies simply because they grew simultaneously
On the other side is the believe of a close correlation between the central engine
(SMBH) and the environment, with a feedback process regulating AGN growth
and starburst activity in the host. Indeed there is a plethora of observational and
theoretical studies that suggest that several different channels for interaction of
BHs with their surroundings exist.
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In low mass galaxies where stellar feedback is important, there is little or no ev-
idence at the present time for AGN feedback operating or that it significantly af-
fects galaxy disks, or pseudobulges. The clearest observational evidence for AGN
feedback is found in the most massive galaxies known, brightest cluster galaxies
(BCGs) in cool core clusters of galaxies.
The uncertainty of the importance of AGN feedback will hopefully be resolved,
when the James Webb Space Telescope (JWST) will be launched in October 2018.
In the previous subsection two accretion modes of AGNs were mentioned, which
correlate with the emission properties of AGNs according to the unified model.
This suggests a rather simple, yet attractive scenario for distinguishing between
different modes of BH feedback in models for the cosmological evolution of
AGNs: at high accretion rates, a ‘quasar-like’ feedback occurs. also called radiative-
mode, while for states of low accretion, mechanical bubble feedback applies, also
called radio-/kinetic-mode. It is clear that the simplicity of this model will not
allow it to explain all kinds of AGN feedback phenomena, e.g. powerful radio
galaxies that accrete at very high rates, as found in some protocluster environ-
ments, are not well represented in this simple scheme.

2.4.1 The Radiative and Wind Feedback

There is a large variety of radiative processes triggered by AGNs, which domi-
nate the AGN feedback if the SMBH accretes close to the Eddington limit, thus
in the quasar-mode. These processes take mainly place in the accretion disk, the
extended clumpy disk, the BLRG, and the inner parts of the central torus. Fur-
thermore they are responsible for the M � s relation on a galactic scale [67] as
is explained below. The simplest radiative feedback is achieved by a strong radi-
ation field, ionizing a large fraction of the surrounding gas, hence increasing its
temperature and preventing it from forming stars. In this case, the efficiency de-
pends on the level of ionization and the opacity of the absorbing gas, including its
dust content. Simulations show that the interstellar medium can be heated up to
106 K by the AGN activity through photo-ionization and Compton heating (e.g.,
Kim et al.[109])
But photons can also directly push material out through radiation pressure. The
effect on ionized gas is low though, because of the lower cross-section, thus the
effect is limited in the vicinity of the AGN, where the photon flux is strongest. Ra-
diation pressure on dust particles is more efficient and the transfer of momentum
from the photons to the dust can be close to 100%, if the dust occupies a large
solid angle.
The coupling of photons and particles through radiation pressure can cause quasi-
spherical high velocity winds from the outskirts of the accretion disc. They have
been theoretically hypothesized (e.g. Silk and Rees [160]; [66]) and observation-
ally confirmation has been achieved in a number of cases (e.g. Chartas, Brandt,
and Gallagher [31], Crenshaw, Kraemer, and George [41]). AGN winds can reach
velocities from 103 � 104 km s� 1 (Crenshaw, Kraemer, and George [41], Reeves et
al. [143], Tombesi et al. [178]), which hits and shocks against the ambient ISM.
The shock temperature can be up to a few times 1011 K, which is much greater
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Figure 2.2: Schematic view of the shock pattern resulting from the impact of an Edding-
ton wind on the ISM of the host galaxy. A SMBH accreting at just above the
Eddington rate drives a fast wind (103 � 104 km s� 1), whose ionization state
makes it observable in X-ray absorption lines.

than the Compton equilibrium temperature (TC � 2 � 107 K). The shocked wind
therefore cools via the inverse Compton process against the photons of the AGN
radiation field. A momentum-driven outflow is created, if the interaction between
the wind and the ISM happens within a critical cooling radius. Inside this cooling
radius the wind loses most of its original energy and only communicates its ram
pressure to the ISM. A energy-driven outflow appears outside the cooling radius,
because the wind cannot cool efficiently and most of its energy rate Ėw ' hLEdd/2,
where h is the radiative accretion efficiency, is communicated to the ISM. King
[111] estimated the cooling radius RC by comparing the wind cooling timescale:

tC =
2
3

cR2

GMBH

�
me

mp

� 2 �
c

uw

� 2

' 107R2
kpc

108M �

M BH
yr , (2.16)

with the ISM flow timescale,

t f low �
R

uout,m
' 7 � 106Rkpc

s
200km/s

�
108M �

M BH

� 1/2 �
fg

fc

� 1/2

yr , (2.17)

where fg is the gas fraction ( fg = Wb/Wm), fc is the cosmological value of the
baryon-to-dark-matter density fraction, and uout,m is the momentum-driven out-
flow velocity:

u2
out,m =

GLEdd

2 fgs2c
. (2.18)

Setting both timescales equal, the cooling radius is found to be:
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(2.19)
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Hence the radius in which the outflow is momentum-driven depends on the
SMBH mass. The critical mass threshold at which the outflow becomes totally
energy-driven was derived by King [111], assuming a isothermal potential:

M s =
fgh

p G2 s4 ' 3.7 � 108 fg

fc
s4

200M � . (2.20)

Once a SMBH mass reaches this value, the outflow can propagate to large scales
as the SMBH continues to grow. This value is matching the observed M BH � s
relation (e.g Tremaine et al. [181]; Gültekin et al. [85]; McConnell and Ma [121]),
provided that fg ' fc. This however is not a reasonable assumption when a galaxy
cluster is studied. On one side, a galaxy in a cluster can be striped of gas from its
outskirts through ram pressure and tidal forces.On the other side, the galaxy will
be replenished with gas by cooling flows from the IGM. Zubovas and King [195]
have found different approximations for the following galaxies:

(i) spiral galaxies with evolved bulges residing in gas-rich cluster environments
have M BH � 3.7 � 198s4

200M � (such galaxies are however rare due to high
merger probability in clusters)

(ii) elliptical galaxies close to cluster centres have M BH � 28 � 108s4
200M � .

The outflow of ISM content leads to an self-regulation mechanism: if gas is abun-
dant in the vicinity of the AGN core, there will be a high accretion rate, leading
to enhanced emission which will drive out the gas, causing the starvation of the
AGN.
This mode of feedback was probably most efficient at z � 2 � 3, when quasar ac-
tivity peaked and galaxies were most gas rich. Observational evidence is patchy
at that time due to obscuration of the active nucleus, making observations of this
mode a very difficult task.

2.4.2 The Mechanical/Kinetic Feedback

Relativistic jets consist of ionized matter extending bi-conically from the galactic
centre in the innermost 0.01 pc. They can appear in a variety of shapes, from long
or short and stubby, nearly straight or sharply curved, and relatively smooth or
dominated by knots (find images in App. A.3). Furthermore can radio jets exhibit
a large range of apparent velocities, from mildly relativistic to highly relativistic
motion.
The are classified into Fanaroff-Riley (FR) classes. FR-I sources have a low lu-
minosity, with a power at 14 Ghz of P14 < 1025 W Hz� 1 and a brightness that
fades gradually with increasing distance aways from the central object (’limb
darkened’). FR-II sources have P14 > 1025 W Hz� 1 and are limb-brightened of-
ten show hot spots a few kpc across.
These hot spots are created by a series of shocks through which the relativistic jet
terminates into non-relativistic speeds and causes a back-flow which inflates the
radio lobe. Since these hot spots emit X-ray synchrotron radiation, the plasma in-
side must still posses relativistic speeds. At least at early times, the radio lobe can
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have a significantly higher pressure than the surrounding intra-cluster medium
(ICM). Consequently, the radio lobe undergoes a pressure-driven expansion into
the surrounding ICM which is supersonic with respect to the sound speed in the
ICM. This expansion drives a shockwave which sweeps up a shell of shocked mat-
ter into the ICM.
It can be assumed that with time the hot spot grows, expansion slows down, and

Figure 2.3: The Chandra X-ray image of the radio galaxy Pictor A shows nicely a jet that
emanates from a AGN in the centre and extends across 300,000 years toward a
brilliant hotspot and a counter jet pointing in the opposite direction. The radio
lob (red) extends at both ends from the jet and the cocoon (blue) encompasses
the whole radio galaxy with jets and radio lobes.
Credits: X-ray: NASA/CXC/Univ. of Hertfordshire/M. Hardcastle et al.

the pressure decreases. At some point the contact discontinuity between the hot
spot and ICM will vanish due to Kelvin–Helmholtz and Rayleigh-Tayler instabili-
ties. This leads to a mixing of the relativistic plasma with the shocked ICM as well
as back-to-back buoyantly rising ’bubbles’ of low-density mixed jet-plasma/ICM
material ([35]; [123]). The jet energy is thermalized in the ICM through a combina-
tion of strong shock heating, dissipation of weak shocks/sound waves, and radio
lobe-ICMs mixing.
How AGN jets form and the nature of their composition and mechanical configu-
ration is uncertain. Three general categories of jet models are usually considered.
The first is a thermal pressure model of the jet. Such models assume two anti-
parallel channels that propagate adiabatically from the vicinity of the AGN. The
second involves strong AGN radiation that can overcome gravity along certain
directions and produce radiative pressure-driven jets.
The third model is the most generally accepted one. It uses hydromagnetic stresses
exerted by magnetized accretion disks to explain the origin of the jet. Such flows
would be centrifugally driven and magnetically confined. It is possible to show
that under very general conditions, magnetohydrodynamical (MHD) winds will
always be collimated asymptotically, even in relativistic flows.
The conventional picture involves magnetic fields threading roughly parallel to

the accretion disk axis, as schematically shown in Fig. 2.4. The magnetic field is
caused by the ionized content in the accretion disk. The combination of MHD and
spinning BHs seems to be a promising model for explaining the jet creation pro-
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Figure 2.4: Schematic cross-section of AGN magnetosphere, using r and q coordinates. H
is the event horizon. The poloidal field surfaces (i.e. surfaces of constant A f )
are shown as solid lines, with the polar, Ap, and equatorial, Ae surfaces specif-
ically labeled. Projections of typical particle velocities are shown by arrows.
Particles can remain on the hypersurfaces of constant A f only as long as the
normals to these surfaces are space-like.
Graphic from Blandford and Znajek [19].

cess. For this scenario the frame dragging 5 potential of a rotating BH geometry
(described by the Kerr spacetime) is responsible for driving the jet. Two important
processes which make use of frame dragging are the Penrose effect Penrose [134]
and the Blandford–Znajek effect [19].
The Penrose effect describes the extraction of rotational energy from a rotating BH.
This is made possible, since the rotational BH energy lies outside the event hori-
zon in the ergosphere. Inside the ergosphere a particle is necessarily propelled
in locomotive concurrence with the rotating spacetime. Due to frame dragging,
objects are split in two, of which one receives a momentum which sends it to
infinity, whilst the other falls past the event horizon. The escaping piece of matter
can possibly have greater mass-energy than the original infalling object, whereas
the infalling piece has negative mass-energy, hence slowing down the rotation of
the BH.
In the Blandford–Znajek effect, the magnetic field lines which are threading the
accretion disk have to rotate with the matter inside the ergosphere. This will in-
duce a force on the coupled charged plasma (Lorentz force) which will lead to
acceleration of material at relativistic speeds along the rotation axis of the BH.
This creates via magnetic confinement a well collimated jet, Fig. 2.5.
Further advances in the understanding of the basic problem of launching and
powering the jets are likely to involve increasingly large and detailed numerical

5 Frame dragging can shortly be described by the shift of spacetime in the direction of the BH spin,
thereby imparting energy to an orbiting particle.
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simulations. Advances in computing capabilities as well as in the codes applied
have led to slow, but consistent progress.

Figure 2.5: Illustration of how a spinning BH with a magnetic field around it may produce
jets. Shown are computer calculations of the evolution of single magnetic field
lines. A: The dragging of frames by the BH causes the field lines in the equa-
torial region to be pulled forward in the direction of the BH’s spin. B & C:
The field line becomes progressively more twisted with time, and the twist
propagates outward relativistically to form twin jets.
Graphic from Narayan and Quataert [129].

2.5 agn in galaxy clusters

Clusters of galaxies are the largest gravitationally bound systems in the Universe.
Their mass can exceed 1015 M � , that is 3 orders of magnitude more than the mass
of our own Galaxy with M MW ' 1012 M � ([10]). AGN activity plays an impor-
tant role in clusters of galaxies. First of all they are part of the evolution of cluster
members, where they take part in AGN galaxy feedback mechanisms, driving gas
out of the galaxy in large scale outflows, depleting gas reservoirs required for star
formation ([151]; [120]). Depending on the geometry and energy, outflows from
AGN can also trigger star burst events by compressing the IGM in the outflow to
densities required for gravitational collapse ([101], [161]). Star bursts from AGN
feedback, and gas removal by AGN outflows, both have the effect of depleting
the IGM in cluster galaxies. In time, this will drive the cluster members towards
early types in the Hubble sequence, consistent with the observation that clusters
contain mostly early type galaxies.
Besides taking part in galaxy evolution, AGN may play a role in determining the
structure of the cluster as a whole, by providing a mechanism for transferring en-
ergy to the ICM ([137]). The X-ray emission from the ICM in clusters enables the
gas to cool efficiently. If no energy is added to the gas it will cool rapidly, and fall
to the cluster centre. This is seemingly incompatible with the fact that cool X-ray
emission is not observed from clusters of galaxies. This inconsistency is called the
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cooling flow problem ([68]). One of the possible explanations is that AGN activity
in the central regions of the cluster deposit energy back into the ICM, pointing
to a direct connection between supermassive black holes and clusters of galax-
ies ([192], and references therein). Dunn and Fabian [58] showed that 70% of the
clusters with short cooling times (< 3 Gyr) show bubbles, and another 20% have
a central radio source, indicating the potential for creating bubbles through jet
emission.
An AGN in the core of a galaxy cluster will have further impact on its surround-
ings in addition to the heating of the ICM. AGN jets will transport heavy elements
from the centre into the ICM. As cool, metal-poor gas can flow to the cluster cen-
tre, the AGN outflows will therefore lead to an efficient mixing. In simulations of
bubbles created by AGN in galaxy clusters, Sijacki and Springel[159] showed that
the cavities can alter the cluster properties. This effect is more important for cases
involving relaxed, massive clusters in which the gas morphology is otherwise
undisturbed. Because of the AGN heating, the cold baryon content is significantly
reduced in the central galaxy and thus inhibiting its star formation.
Studying how AGN activity can be stimulated by increased availability of fuel,
and how AGN outflows affect the host galaxy, is important in understanding
how galaxies evolve in general, and in cluster environments in particular.



3
S I M U L AT I O N O F A G N I N G A L A C T I C C L U S T E R S

According to the prevailing cosmological model, which says that our universe
started from a singularity (commonly known as the ’Big Bang’), the ’age’ of our
universe is estimated to be 13.8 � 109 billion years (Ade et al. [3]). The thin disk
of the Milky Way, in which our solar system is located in the Orion arm, has an
approximated age of 8.8 � 109 years (Del Peloso et al. [51]). Our sun, which is
defining our daily 10� 4 year rhythm through it’s motion on the sky, is 4.6 � 109

years old (Connelly et al. [39]). Considering the human life span, we have to
realize that it is just a quant compared to the time scales in which cosmology
functions. Thus astronomer’s are forced to find other ways to study the evolution
of our universe and how structure forms within it. With the rise of powerful com-
puters, simulations proofed to be of ever more importance.
The first evolutional study was performed by Holmberg [96] in 1941, who had
the brilliant idea to imitate the gravitational interaction of 74 bodies with light,
send of light bulbs. This was long before first computational simulations were
able to give relevant results. The arguably most important simulations, which
started the era of computational astrophysics, are by Toomre & Toomre (1972)
[180] and Toomre (1974) [179]. The authors presented simulations of two merging
disk galaxies performed with a few hundred particles to understand the origin of
what is known today as tidal tails and bridges, caused by the gravitational inter-
action of systems in the process of merging.

3.1 the tree-sph code gadget

The formation and growth of cosmic structures is a highly non-linear phenomenon
that needs to be investigated with suitable numerical simulations. Since we can
describe the motion of dark and baryonic matter as a fluid flow (non-collisional
and collisional respectively), there are two main strategies to solve the hydrody-
namical equations: Eulerian and Lagrangian techniques.
The former are methods that adopt a mesh to discretize the simulation volume,
and all physical processes are treated as fluxes between the cells. In those codes,
mixing between gas phases of different temperatures happens implicitly, but at
high Mach numbers there exist problems with the Galilean invariance. In addition,
adding gravity to the codes is somewhat cumbersome since no direct particle in-
teractions can be calculated. This is especially problematic in simulations of dark
matter and stars, since those components are collisionless.
The latter method in contrast, which uses smoothed particle hydrodynamics (SPH)
codes treat all physics as particle-particle interactions, sampling the hydrodynam-
ical properties and using hydrodynamic equations in their Lagrangian form to
calculate the dynamical interactions. In order to avoid diverging forces if the dis-

25



26 simulation of agn in galactic clusters

tances between two particles become very small, the gravitational interactions are
(gradually) suppressed on small scales. This scale is called the softening length.
SPH codes are Galilean invariant, and the self-gravity of the gas is treated nat-
urally with the same accuracy as for the stars and dark matter which interact
directly through gravity. Furthermore do SPH codes have excellent conservation
properties, are numerically very robust, and inherently adaptive. However, the
mixing of gas phases with different temperatures is completely suppressed, and
leads to ’Kaufmann-blobs’. This causes numerical artifacts in, inter alia, accretion
rates, star formation rates (SFRs), disc sizes, and gas fractions. To improve the de-
scription of the gas physics and to accurately follow shocks, a artificial viscosity
needs to be added at the particle level.
In this thesis, all simulations were performed using a extended version of the par-
allel TreePM-SPH-code GADGET-2 [163], called GADGET-3. TreePM-SPH codes
determine the hydrodynamic properties using SPH, and the gravitational interac-
tions are calculated using a Tree walk algorithm (see Hernquist and Katz [89] for
more detail on Tree-SPH). GADGET-3 is based on an entropy-conserving formu-
lation of SPH (Springel and Hernquist [165]).
To model the physics of the gas from which the stars are formed, additional pro-
cesses and gas properties must be considered. In its standard version, GADGET-
3 includes radiative cooling for a primordial mixture of hydrogen and helium
(Katz, Weinberg, and Hernquist [105]), and star formation as well as the associ-
ated supernova feedback are included as sub-grid models according to Springel
and Hernquist [166], assuming a Salpeter initial mass function (IMF) (Salpeter
[150]). In case of cosmological simulations, additional heating due to the time
dependent UV background is included (Haardt and Madau [86]). The interstellar
medium is treated as a two-phase medium (McKee and Ostriker [122]; Efstathiou
[60]; Johansson and Efstathiou [104]), where dense cold clouds are in pressure
equilibrium with the thin hot gas they are embedded in.
To solve the issues of the phase-mixing problem, artificial conductivity schemes
(Price [139]) can be implemented, for example those presented by Dolag et al. [55],
as well as thermal conduction (Dolag et al. [56]). A more recent approach to this
matter is presented by Beck et al. [11].

3.2 cosmological zoom-in simulations

To study the detailed structure of galaxy clusters and the impact of AGNs on them
with appropriate resolution, it is essential to create zoomed initial conditions. This
is done by first running a large dark-matter-only cosmological simulation, which
will take long range gravitational forces with the surrounding cosmological struc-
tures of the galaxy cluster into account.
To model the initial conditions (ICs) for the cosmological simulation, at first all
particles are placed on a cubic grid for the entire box (an alternatively is to
use glass ICs). All particles have the same mass, and are homogeneously dis-
tributed. In the second step, a power-spectrum is applied to all particles. The
power-spectrum specifies how likely each wavelength is present in the simulation,
and it determines the initial displacements of the particles. Thus, after applying
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the power-spectrum to the particle grid, there are density fluctuations in the par-
ticle distribution of the initial conditions which lead to the filamentary growth of
structures in the box during the simulation. With this set of initial conditions that
is determined by the choice of the cosmological parameters, the box is evolved
until z = 0. This box is called the parent simulation.

From this parent simulation, the galaxy cluster is selected at z = 0. All par-
ticles which are at any given time of the simulation part of the structure that
should be simulated with higher resolution, are identified and traced back in
time. The volume containing these particles from the selected galaxy cluster, and
the regions around it since hydrodynamic simulations are sensitive to boundary
conditions, are then re-simulated with higher resolution. This volume can either
be restricted to those particles directly, causing the high- resolution region to have
an amorphous shape, or be a box or a sphere containing all selected particles plus
additional particles within the region. The latter is used to prevent low resolution
particles from the surrounding areas to intrude into the high resolution volume,
as those low-resolution particles have much higher masses and cause artificial dy-
namical friction when it drags the lower-mass particles in its wake. However, this
procedure can become very computationally costly if the volumes are large due
to the increasing amount of particles included in the high-resolution volume.

Figure 3.1: Two-dimensional illustration of the construction of the initial conditions of
zoom-simulations from a parent cosmological simulation. Left panel: Exam-
ple grid of the parent simulation for 9 dark matter particles (black spheres).
Middle panel: Same as left panel but with twice the spacial resolution. Each
dark matter particle (black spheres) has spawned three new dark matter parti-
cles (blue spheres), placed of the intersections of the new, spatially enhanced
grid. The mass of the particles has been reduced by a factor 4. Right panel:
Same as middle panel, but now all dark matter particles are shown in black.
Each dark matter particle has spawned a gas particles with the gas particles
mass according to the assumed baryon fraction split from the original mass
of the dark matter particle, effectively lowering the mass of the dark matter
particle. Each gas and dark matter particle pair is placed on the grid such that
their center of mass is on the intersection point of the grid, and momentum is
conserved.
Graphic from Remus [144].

In the next step, the particles inside the volume where a higher resolution
should be achieved, are split into multiple particles, while the individual particle
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mass is lowered accordingly. For example, to double the spatial resolution, each
particle is split up in 23 particles with a mass of 1

23 = 1
8 the mass of the parent

particle. A two-dimensional representation of this process is shown in Fig. 3.1. In
the left panel, the original grid is shown for 9 particles. The particles, illustrated
as black spheres, are placed on the intersections of the gridlines. The resolution
is increased by increasing the number of particles, as shown in the middle panel:
The original particles are still at the same positions (black spheres), but their
masses are reduced (i.e., in the figure the radii of the spheres are smaller). Within
the grid of old particles, each particle has spawned three more particles (blue
spheres) placed on the new intersections of the new grid lines. Since one particle
has split up into four, the mass of each particle is 1

4 of the original particle mass.
In three dimensions, the process is the same but each particle is split up into 8
particles instead of 4. If the resolution should be n-times higher, the particles are
split up into n3 particles with each 1

n of the original mass.
In the high-resolution volume, baryons are often added as well. Since at the initial
redshifts there are no stars formed yet, those new particles are all gas particles,
and they all have the same mass, however, their mass is smaller than the mass of
the dark matter particles. The gas particles are split from the dark matter parti-
cles, effectively lowering the dark matter mass of each particle. Hereby, the mass
of the gas particles is usually calculated from the baryon fraction of the Universe.
This baryon fraction can be calculated from observations of the cosmic microwave
background (CMB). According to the newest survey of the CMB, the Planck Sur-
vey, the baryon fraction of the universe is Wb

Wm
= fbar � 15.6% [3]. Both particles

together still have the same mass as the dark matter particle had before the in-
troduction of the baryons. Also, both particles are still close to the same points
of the grid where the parent particle was placed, but now their common center
of mass is at the intersection while the particles themselves are slightly displaced
such that their distance is the mean inter-particle distance and their momentum
is conserved. This splitting is shown in the right panel of Fig. 3.1 for the two-
dimensional case. The black balls mark the dark matter particles, the red balls
illustrate the gas particles. Both are placed slightly off the grid, but since the
dark matter particles are much heavier than the gas particles their displacement
is much smaller.

The high-resolution volume is surrounded by a lower resolution volume, where
the particle mass is higher but the number of particles is lower. Often, the same
resolution is used as in the original parent simulation, and sometimes more than
one low-resolution volume is used. Those low resolution particles are important
to calculate the gravitational long-range forces on the high-resolution volume,
however, if they intrude they can cause unphysical distortions. Thus, a care-
ful selection of the high-resolution volume is important for a successful zoom-
simulation.

With the new grid and the baryons in place, the power-spectrum is again ap-
plied to all particles. The power-spectrum is the same as for the parent simula-
tion, however, for the high-resolution volume, the smaller modes of the power
spectrum that have not been used for the parent simulation since the resolution
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was not high enough to include those small modes, are included down to the
Nyquist frequency which corresponds to the mean particle separation in the high-
resolution volume (Springel et al. [167]). Once the particles have been displaced,
the initial conditions are set up and the simulation can be run until the desired
redshift.

Figure 3.2: Visualisation of the Cosmological Zoom-In simulation on the studied cluster,
showing six different redshifts. Gas is shown in as a gradient from white to
blue, dependent on the entropy (white: low entropy, blue: high entropy). Stars
are shown as black spots. All stars in the Cosmological Zoom-in simulations
are formed from the gas. Upper left: z = 4.46. The filaments of gas from which
the final galaxies are built up are visible, while there are only very few stars
formed yet. Upper middle: z = 2.01. Structures of gas form inside the most
dense gas regions. Upper right: z = 1.. While there is less and less gas, more
and more stellar clumps are formed, which start to merge and build up larger
structures. Lower left: z = 0.51. Lower middle: z = 0.28. A small group of
medium sized galaxies has formed. Lower right: z = 0. A major merger of
three halos, of which the lowest is the most massive in the simulated cluster.

One example of such a zoom-simulation is shown in Fig. 3.2, where the upper
left panel shows the distribution of the baryons in the high resolution volume,
and the amoeba-shape of the high-resolution area is still visible. Only gas parti-
cles (as vague lines) can be seen since there are no stars formed yet, however, the
filamentary structure of the particle distribution caused by the power-spectrum is
visible. Five more different redshifts are shown, with more stars visible each time
(black points) and less gas. In the final stage, at z = 0, a major merger is seen of
three very massive halos (name approx. mass).
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For more detailed descriptions of the zoom-in re-simulation technique, see for
example Borgani et al. [27]; Springel et al. [167]; Oser et al. [131].

3.2.1 Cosmological Zoom-In Simulation Used in this Work

The generation of the zoomed-in simulation of our analyzed galaxy cluster is
described in Bonafede et al. [21]. The large cosmological DM only parent simula-
tion was performed according to a flat L CDM cosmological model (WL = 0.76,
W0 = 0.24, h = 0.72 and s8 = 0.8). The power spectrum for the primordial density
fluctuations P(k) µ kn is characterized by ns = 0.96. The parent cosmological box
of 1Gpch� 1 was simulated with a comoving gravitational DM softening length of
2.52kpch� 1. The subsequent cluster identification was performed by using a stan-
dard Friend of Friends(FoF) algorithm with a linking length of 0.16, which is the
mean inter-particle separation between DM particles, corresponding to the virial
overdensity in the adopted cosmological model.
Once the initial conditions for the DM components were obtained, gas particles
were added. The mass of a DM and a gas particle is 0.84 � 109 M � h� 1 and
0.16 � 109 M � h� 1, respectively. The gravitational softening length used is 5kpch� 1,
which corresponds to the smallest SPH smoothing length reached in the dense
cluster centres.
From the final output of the DM only run, a large region of � 5 � 7 Rvir around
the cluster centers, which is free from of boundary effects, was selected and
the particles within traced back to their initial positions. The Lagrangian region
corresponding to the positions of these particles was enclosed in a box of side
LHR � 62.5Mpc, that forms the high resolution (HR) region. Since the volume
occupied by the HR particles, VHR, is usually only a fraction of the volume of
the box (L3

HR), the box is sampled with 643 cells, and cells which are occupied
by the particles are marked. In order to obtain a volume with a concave shape
and no holes in it, some more cells were marked around/within VHR. This can
be seen in Fig. 3.3, where the blue cells trace the VHR region, while the addi-
tional cells marked to obtain a concave volume are marked in green and red. To
minimize any changes in the tidal forces acting on to the high-resolution region,
buffer around the HR region is created, and sampled with the same mass resolu-
tion as the parent cosmological simulation. The particles that occupy the marked
cells are then traced back to the initial redshift of the simulation. This volume
was re-sampled with a higher number of particles in order to obtain a higher
mass resolution (8.43 � 108M � h� 1 for DM particles of the simulations studied
here). The HR particles were perturbed using the same power spectrum of the
parent simulation, keeping the same amplitudes and phases. New fluctuations at
smaller spatial scales were added, since smaller frequencies are now sampled by
the higher resolution particles.
The remaining volume of the simulation was cultivated with low resolution (LR)

and their density and velocity fields were re-sampled on to a spherical grid hav-
ing constant angular resolution dq. The size of each cell dr = rdq was chosen to
obtain approximately cubic cells through the sphere. The interpolation on to a
spherical grid reduces the number of LR particles to the minimum necessary to
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a) b)

c) d)

Figure 3.3: Figure a): Schematics of the Lagrangian region sampled with 643 cells. Blue:
region where high-resolution DM particles have been split into gas and DM
particles. Green and Red: added cells to achieve a concave HR region. Figure
b): Schematics of the initial conditions for a zoomed-in simulation. The colour
mean the same as in a) except: Black: DM particles with degraded mass reso-
lution outside the HR region with increasing mass towards the outer regions.
Green: DM particles outside the HR region with the same mass resolution
than the parent simulation. This represents a ‘safety region’ where a normal
grid is used and particles have the same mass that of the parent simulation.
Figure c): Visible in violet are HR boundary particles which act as a ‘safety
region’ for the cluster, which is the black nucleus. Figure d): Visible in violet
are LR boundary particles spanning the whole parent cosmological box.
Graphics a) and b) from Bonafede et al. [21]



32 simulation of agn in galactic clusters

preserve the large-scale tidal field of the original simulation. By construction, as
the distance from the HR region increases, dr increases too, and the mass of the
LR particles increases accordingly. The overall volume simulated for each clus-
ter is the same as the parent simulation, ensuring that the forming structures
correspond to the same that formed within the original cosmological simulation.
This initial condition were finally traced back to a higher redshift (e.g. z = 70)
to ensure that the rms of the particle displacement in the HR region is still small
enough to guarantee the validity of the Zeldovich approximation.

The finalized IC is then run from z = 60 to test the impact of the new kinetic
AGN feedback models implemented into GADGET-3 on the single galaxy cluster.
The cosmological parameters stay the same as they were used for the parent
simulation. The properties of the selected galaxy cluster are listed in Tab. 3.1.

M DM ,tot M DM M Gas NumberDM NumberGas

1015M � h� 1 108M � h� 1 108M � h� 1

2.57 8.43 1.56 3.046.818 2.319.183

Table 3.1

It is certain, that the resolution in our simulations cannot represent the full
complexity of AGN feedback processes in detail. Smaller spatial scales would be
required to obtain an accurate description of the impact of SMBH growth and
feedback on galactic scales. The simulations which are analyzed in this study are
listed in Tab. 3.2, together with the AGN feedback parameters. The parameter fkin

Simulation ID fkin ekin ef er vWind [km/s] Wake-Up

Fiducial 0 Variable 0.05 Variable - -

KF000 0 Variable 0.05 Variable - 3

KF005 0.05 Variable 0.05 Variable 104 4.1

KF050 0.5 Variable 0.05 Variable 104 4.1

KF100 1 Variable 0.05 Variable 104 4.1

KF100v5e3 5 Variable 0.05 Variable 5 � 103 4.1

KF100v2e4 5 Variable 0.05 Variable 2 � 104 4.1

KF500 5 Variable 0.05 Variable 104 4.1

Table 3.2: General AGN feedback settings of the simulations performed in this study. Vari-
able values of are calculated with equations (19) and (20).

determines the energy which is made available for the kinetic AGN feedback (see
equ 3.20). The values for ekin and er are calculated on the run and determine the
kinetic and radiative feedback efficiencies. The percentage of the radiative energy
that couples with the gas is set by ef .The velocity increment a gas particle receives
during the kinetic AGN feedback is fixed throught vWind. The last column of Tab.
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3.2 the parameter for the Wake-up call routine which is explained in detail in App.
A.4.

3.3 stars and supernovae

At z = 60, the beginning of our simulations, no stars are included and have yet to
be formed

It is assumed that the dark matter and newly-formed star can be treated in
the collisionless limit and hence evolve according to the collisionless Boltzmann
equation (CBE)

¶f
¶t

+ ~̇xr x f + am~gr p f = 0 (3.1)

where ~g is the peculiar acceleration and f (~x,~g, t) is the distribution function.
Star formation (SF) is implemented following the multiphase effective sub-resolution
model by Springel and Hernquist [166]. This model accounts for the impact of
sub-grid physics, by adopting a statistical formulation on scales that are resolved.
Since cold molecular clouds (represented by cold gas particles) and stars cannot
be resolved, their densities, r cc and r � respectively, represent averages over a small
region of the ISM.
It is assumed that cold gas clouds form stars on a characteristic time-scale t � , and
that a mass fraction b of these stars are short-lived and instantly die as super-
novae. This is described by

dr �

dt
= ( 1 � b)

r cc

t �
. (3.2)

Hence, if the time-scale t � is long the SF is slower and if the cold cloud density
is high, more stars will form. The SF therefore depletes the reservoir of cold gas
clouds at a rate of r c

t �
, which is returned as hot gas through SN at a rate of b r c

t �
(so

as to counteract the cooling catastrophe). The parameter b can also be described
as the mass fraction of massive stars (> 8M � ) formed for each initial population
of stars and hence depends on the adopted stellar initial mass function.
Next to the output of metal enriched hot gas, supernovae also release energy. The
amount of energy feedback depends on the IMF, and is calculated as

d
dt

(r huh)jSN = eSN
dr �

dt
= buSN

dr �

dt
, (3.3)

where eSN is the expected average energy returned by a SN (= 4 � 1048 ergs M� ),
and uSN � (1 � b)b� 1eSN can be expressed in terms of an equivalent ’supernova
temperature’ TSN = 2muSN/(3k) ' 108 K.
Star formation is strictly confined to the regions where r > r th. The density thresh-
old r th is calculated on-the-run according to

r th =
xth

(1 � xth)2
buusn � (1 � b)uc

t0
� L (uusn/A0)

, (3.4)

where t0
� and A0 are parameters that regulate the multi-phase medium due to SF.

In the simulations studied here these parameters are set to t0
� = 1.5 and A0 = 1000.
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L is the cooling rate. The temperature threshold Tth below which a gas particle
need to be to form a star is 5 � 105 K. Gas particles which fulfill these two crite-
ria, do not have to spawn into a star immediately. Star formation is based on the
stochastic scheme by Springel and Hernquist [166] and can be done on a single
gas particle up to four times.
Furthermore is the metal content of gas and stellar components determined. This
accounts for, whether a star generates a Type II or Type Ia supernova (SN) and
how long the SN lifetimes are.
The SPH technique uses sink-particles Bate, Bonnell, and Price[9] to follow the
formation of stars and any continuing gas accretion on to them by adding the
mass (and linear/angular momentum) of accreted particles to that of the sink-
particle. It is therefore straightforward to track the evolution of the gas before it
was accreted. In this way, one can determine the physical properties of the gas
that formed a given star at all stages before it is accreted.
Since the internal evolution of the protostars is not of interest in determining
where material from the cloud ends up, a protostar is replaced by a single, non-
gaseous, massive particle with the combined mass, linear momentum and ‘spin’
of the particles it replaces. This massive particle then accretes any infalling gas
particles and avoids the problem of high-density regions controlling the time re-
quired for the simulation. The spin is the angular momentum of the replaced
particles about their centre of mass and is kept as a check that global angular
momentum is being conserved, although it has no effect on the dynamics of the
calculation.

3.4 black holes

There exists a number of studies discussing large cosmological simulations that
include BHs (e.g. Di Matteo, Springel, and Hernquist [53]; Robertson et al. [145];
Di Matteo et al. [54]; Booth and Schaye [24]; Schaye et al. [152]). The most com-
mon BH model used in those simulations derives from the model implemented
by Springel, Di Matteo, and Hernquist [164]. This model describes BHs as sink
particles which have fundamental properties like mass and accretion rate, which
can be linked directly to observables. Thus, one can study BH growth and the
co-evolution between BHs and their host galaxies to constrain and improve the
parametrization of the underlying model.
In the following subsections, BH-seeding, -accretion and -feedback modes are ex-
plained in detail.

3.4.1 Black Hole Creation

In the universe we live in, BHs are currently thought to exist in four major sub-
groups with respect to thair mass range. Mirco BHs (MBH) encompass the most
light-weight BHs with masses down to 10� 8 M � , but can also create BHs with
masses equivalent to the moon. MBHs are as of yet a hypothetical and thought to
have formed in the very early universe (less than one second after the Big-Bang)
due density fluctuations with a density contrast of dr/r � 0.1 (Harada, Yoo, and
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Kohri [88]). However, since we only begin to find observational constrains on this
type of BH and we can’t resolve them with current simulation, they are neglect
them in our simulations. The best studied type are the stellar BHs, which can
have masses from five up to several tens of solar masses. However, a subresolu-
tion model with BHs linked to stellar evolution in star particles is not so easy to
implement. Forming a very low mass BH particle from a star particle would in-
crease by a huge amount the particles to follow and the computation time. Within
cosmological (or galaxy-sized) numerical simulations, it is presently not feasible
to follow the physics of star formation and black hole accretion from first princi-
ples down to scales of individual stars or black holes. Any numerical model of
galaxy formation therefore needs to make substantial approximations for some
of the relevant physics on unresolved scales (Di Matteo et al. [54]). Intermediate-
mass BHs (IMBH) with masses in the order of � 102 � 104 M � , are thought to
reside in dense stellar systems (Maccarone et al. [116]). However, evidence has
been hard to come by, with roughly a half-dozen candidates described so far, and
their formation process is therefore unknown, which is why together with the
resolution-limit of our simulations we omit them. With masses ranging between
� 105 � 1010 M � , supermassive BHs (SMBH) form the higher end of BH masses
and is found in the centre of galaxies. Together with SBHs they are the most stud-
ied BHs. Since their properties are constrained through multiple relations to their
host galaxy and their possible masses can be resolved with our simulaions, we
can effectively study them. Since this kind of BH is the only kind in the herein
discussed simulations, they will be referred to as SMBH accordingly.
To create SMBHs, a Friend of Friendsalgorithm is deployed to identify dark matter
subhalos. When the mass of a FoF group is above 1010 M � , a BH of 4.4 � 105 M �

is seeded at the potential minimum. Therefore, all our BHs in our simulations
are mimicking a SMBH in the center of a halo from the beginning. In Fig. 3.4,
shows the growth of BHs in our fiducial simulation. It shows how our BHs have
a seeding mass which is lower than the observed relation (e.g McConnell and Ma
[121]) between BH and stellar bulge mass (M BU) of a galaxy.

log10(M � /M � ) = 8.46 + 1.05log10(M?/1011M � ) . (3.5)

The reason is that in the simulations a galaxy evolves without a black hole un-
til it is seeded. In reality, the black holes do not appear immediately. Thus, they
have already accreted matter and influenced the surrounding medium. This can
be compensated with a low seeding mass. After the seeding, a black hole grows
until it reaches the M BH � M BU-relation.
To compensate the fact that a black hole is too light during this process, it has two
masses: the real mass and the dynamical mass. The real mass is used for the ac-
cretion process, whereas the dynamical mass is used to calculate the gravitational
forces as long as it is larger than the real mass.
The black holes are treated as collision-less sink particles like in other hydrody-
namical simulations including black holes (e.g. Springel et al. 2005 or Di Matteo
et al. 2008). BHs are repositioned in the potential minimum of their host galaxy
once they are seeded, to keep them centered.
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3.4.2 Black Hole Growth

The BH seeding mass of our simulation is 105 M � , whereas SMBHs in the local
Universe have masses of up to 109 M � . To understand the origin of the redshift
zero SMBHs population, one needs to model how BHs can grow to the sizes
observed in present-day galaxies. In our simulations, BHs can grow by either
accreting gas or by merging with other BHs.

The exact properties of accretion flow around BHs cannot be resolved in current
numerical simulations. To elucidate this, consider a BH of mass M BH accreting
spherically from a stationary, uniform distribution of gas whose sound speed at
infinity is c¥ . The gravitational radius of influence of the BH is then

rB =
GMBH

c2
¥

. (3.6)

For a BH of mass M BH = 107 M � , as are most BHs in our simulations at z = 0, in
a gas with a sound speed c¥ = 30 km s� 1, this is numerically

rB = 50pc(
M BH

107 M �
)(

c¥

30 km s� 1 ) � 2 . (3.7)

The Schwarzschild radius of a BH of this mass is then

rs �
2GMBH

c2 = 10� 6pc(
M BH

107 M �
) . (3.8)

Due to our poor understanding of the nature of accretion onto SMBHs, it is not
clear what range in spatial scales would be required to obtain an accurate de-
scription of the impact of BH growth and feedback on galactic scales. It is certain
however, that the resolution in our simulations cannot represent the full complex-
ity of this process in any detail.
Therefore the accretion has to be approximated, which is often done using the
Bondi parametrization (Bondi [22]), which was introduced in Sec. 2.3. Since this
model assumes an isotropic and isothermal sphere of gas, it is not straightforward
to adopt this Bondi accretion model for hydrodynamic, cosmological simulations
aiming to follow a self-consistent accretion history of BHs.
Our simulations adopt the BH accretion model as implemented by Springel, Di
Matteo, and Hernquist [164], where the accretion rate of the BH is estimated by

Ṁ B =
4paG2M 2

� hr i
(hui 2 + hcsi 2)3/2 . (3.9)

The density hr i , velocity hui , and sound speed hcsi are computed using a sixth-
order Wendland C4 kernel function (Dehnen and Aly [49]) with 200 neighbours.
The functional form of the interpolating function reads:

w(q) =
495
32p

(1 � q)6(1 + 6q+
35
3

q2) . (3.10)

Here, q = xi j /hi is the ratio of the module of the distance between two particles
xi j = j xi � xj j and the smoothing length hi assigned to the position of the i-th
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particle. The use of this kernel function is motivated by it’s avoidance of pairing
instabilities and a gain in accuracy in quantity estimates over e.g. the standard
cubic spline is achieved.

Figure 3.4: Margorrian relation of the
fiducial simulation in which the green
circles indicated the BCG. SMBH out-
liers are due to temporary attributions
to different subhalos.

Due to limited numerical resolution in cos-
mological simulations, Springel, Di Matteo,
and Hernquist [164] multiplied the orig-
inal equ. 2.12 by a dimensionless boost
factor a. Through the boost factor, the ac-
cretion of hot (a = 10) and cold gas
(a = 100) becomes distinguishable. The
choice of the a’s derive from Gaspari,
Ruszkowski, and Oh [81], who found that
cooling and turbulence lead to a approxi-
mately 100 times larger accretion rate than
the Bondi accretion. But for adiabatic accre-
tion, the difference is about one order of
magnitude smaller. Furthermore, Gaspari,
Ruszkowski, and Oh [81] considered gas
as hot if it has a temperature above T �
106 K, whereas cold gas has a temperature
below T � 105 K. Since a third warm phase
is not taken into account, T = 5 � 105 K is
chosen as threshold between hot and cold
gas.
The BH accretion rate Ṁ BH is limited to the
Eddington accretion rate

Ṁ Edd =
4p GMBHmp

hEddsTc
, (3.11)

where mp is the proton mass, sT the
Thompson scattering cross-section, and
hEdd the feedback efficiency if the BH
would accrete with Ṁ Edd. In our simulations hEdd is dependent on M BH, as was
found by Davis and Laor [48],

hEdd = 0.089
�

M BH

108M �

� 0.52

, (3.12)

but limited by the value 0.42, which is the theoretical maximum efficiency of a
rotating BH. In duing so, one can account for the observed spin of SMBHs.
The final accretion rate is given by

Ṁ BH = min( Ṁ B,hot + Ṁ B,cold, Ṁ Edd) . (3.13)

The separate treatment of hot and cold gas leads to a faster BH growth in the
quasar-mode, because when calculating the mean value of the sound speed hcsi
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and gas velocity hui only for cold gas, the accretion rate estimated with equation
3.9 is higher than calculating the mean values of both cold and hot gas together.
Depending on Ṁ BH, a certain amount of gas particles will be swallowed by the
BH in a time step Dt. Whether or not a gas particle will be accreted depends on
the probability

Pi =
wk(M BH � M Gas)Dt

r
. (3.14)

described in appendix This probability is then compared to a random number
wi 2 [0, 1]. If wi < Pi , the gas particle will be swallowed.

Finally, formation of ’heavy’ BHs from the mergers of lower-mass BHs in globu-
lar clusters is unlikely because most dynamically formed merging BHs are ejected
from the host cluster before merger (Rodriguez et al. [146], see their Figure 2). In
the case of BH binary mergers, the original implementation by Springel, Di Mat-
teo, and Hernquist [164] force BHs to remain within the host galaxy by pinning
them to the position of the particle found having the minimum value of the po-
tential among all the particles lying within the SPH smoothing length computed
at the BH position. This ’pinning’ can lead to BHs ’jumping’ from the less mas-
sive galaxy to the more massive one during merger events. To avoid that the BH
particles are wandering away from the centre of galaxies by numerical effects,
our simulations use momentum conservation and place the resulting BH from a
merger event in the centre of mass of the predecessor. Only when any two BHs
pass within a distance hBH of each other with a relative velocity smaller than
the local sound speed, are they allowed to merge. The smoothing length hBH is
taken from the more massive BH and is determined in every time step by implicit
solution of the equation,

4
3

p h3
BHr BH = Mngb . (3.15)

Here r BH is the kernel estimate of the gas density at the position of the BH,
and Mngb is the mass of � 4 � 64 neighbouring gas particles. The BH particle
has 4 times more neighbours (e.g. Fabjan et al. [69]) than an SPH gas particle,
order to have more particles for computing the physical properties of the BH sub-
resolution model.
The simulation takes care, that only the more massive BH swallows the lighter
one.
This velocity criterion is necessary in order to prevent BHs from merging during
a fly-through encounter of two galaxies, as this could lead to BHs being quickly
removed from their host galaxies due to momentum conservation.

3.4.3 Black Hole Feedback

An important consequence of gas accretion onto a BH is the release a huge
amount of energy, which strongly influences the formation and cosmological evo-
lution of galaxy clusters. So far, only few simulations include a detailed AGN
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feedback models for galaxy cluster simulations. Most are implemented on galac-
tic scales or as pure thermal feedback in galaxy clusters. Choi et al. [32], [33], [34]
studied mechanical AGN feedback (in thermal & kinetic form) in isolated and
merging galaxies. Steinborn et al. [171] and Rasia et al. [141] studied high resolu-
tion galaxy clusters with radiative and mechanical AGN feedback implemented
as thermal feedback. Weinberger et al. [189], [188] studied cosmological box of
30Mpch� 1 with AGN feedback in thermal and kinetic form.
As outlined in Sec. 2.4, there exist two major AGN feedback modes: radiative and
mechanical. In this study, simulations account for both AGN feedback modes by
adopting the scheme based on Churazov et al. [36] and Steinborn et al. [171].
Churazov’s model is confirmed observationally (e.g. Russell et al. [147]) through
measuring luminosities and cavity powers of a large sample of unresolved nu-
clear X-ray sources.

Figure 3.5: The lines show the predictions by Churazov et al. [36] for the power of the
radiation (red line), the mechanical outflow (blue line) and the sum of both
(black dashed line). Observations of jet powers (blue error bars and edges) and
luminosities (red error bars and edges) constrain the difference between both
components.
Graphic from Steinborn et al. [171].

The herein studied BH model calculates the feedback energy per unit time as
the sum of kinetic (Pm) and thermal (ef Lr ) feedback:

Ė = Em + Er = ( em + ef er ) Ṁ � c2. (3.16)

The radiative component dominates near the Eddington limit ( fEdd > 0.1) as can
be seen in Fig. 3.5. The radiative AGN energy equals,

L = er Ṁ BHc2, (3.17)
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with er being the radiative efficiency which is calculated during the simulation
run. To account for the observed transition between the two feedback modes,
Ṁ BH/Ṁ Edd = 0.05 is taken as the threshold. Accretion below this value become
dominated by the radio-mode, and above by the quasar-mode. This leads to an
radiative efficiency of the form

er =

8
><

>:

AhEdd(M BH)( Ṁ BH
Ṁ Edd

)b if Ṁ BH
Ṁ Edd

< 0.05 ,

hEdd(M BH � 10� 4hEdd(
Ṁ BH
Ṁ Edd

) � 2.8431 otherwise.
(3.18)

, where b is the slope which defines the correlation between accretion rate and
energy feedback. In all our simulations b = 0.5 was used.
A fraction ef of the luminosity L is eventually fed back to the neighbouring gas
as thermal feedback:

Er = ef L = ef er Ṁ BHc2 . (3.19)

From previous GADGET-2 simulations, ef = 0.05 yielded an M BH � s relation
normalization consistent with observations Di Matteo, Springel, and Hernquist
[53]. The radiative feedback is distributed to the gas isotropically around the
SMBH. The temperature of the neighbouring gas particles are incremented by
an amount scaled by their SPH kernel weights.

The mechanical component dominates at accretion rates fEdd < 0.01 and dimin-
ished at rates fEdd > 0.1. The available energy per unit time that can be fed back
in kinetic form is calculated as

Eavail,kin = Ṁ BH fkinerc2, (3.20)

which is different to the model by Steinborn et al. [171]. The outflow efficiency
ekin depends on the accretion rate and mode, just as er does:

em =

8
><

>:

0.1 � A0.1( Ṁ BH
Ṁ Edd

)b if Ṁ BH
Ṁ Edd

< 0.05 ,

10� 5( Ṁ BH
Ṁ Edd

) � 2.8431 otherwise.
(3.21)

In contrast to er it is currently difficult to estimate ekin with observations, which is
why hEdd = 0.1 was assumed in this case. Eavail,kin is then set equal to the energy
of total mass of gas particles which can be kinetically exited:

EWind =
1
2

ṀWindv2
Wind , (3.22)

so that dependency between ṀWind and Ṁ BH becomes

ṀWind = 2Ṁ BH fkinekin

�
c

vWind

� 2

. (3.23)

The kinetic AGN feedback energy is distributed to gas lying inside a bi-conical
volume, with the SMBH at its apex and two cones on opposite sides of the
BH (as described in Barai et al. [7]), which is schematically shown in Fig. 3.6.
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Figure 3.6: Schematic representation of ki-
netic AGN feedback mechanism.

The slant height of each cone is hBH,
and the total opening angle of a sin-
gle cone is 60� . The cone axis direc-
tions are considered as fixed along the
� z � axis for the first duty cycle and
change randomly thereafter, for the
BH located at the origin of our coor-
dinate system. The gas particles lying
within this bi-cone volume around the
BH are tracked, and their total mass
M cone

gas is computed.
The feedback energy is distributed to
gas within a distance hBH from the
SMBH. Gas particles inside the bi-cone
are stochastically selected and kicked
into AGN wind, by imparting a one-time vWind velocity boost. We use a prob-
abilistic criterion (similar to other sub-resolution prescriptions in Gadget-3) for
the implementation. A probability for being kicked is calculated depending on
whether the ith gas particle is in the upper or lower cone at timestep ¶t:

pi = 2ṀWind
Ṁ cone� up,� down

gas ¶t

( Ṁ cone� up
gas + Ṁ cone� down

gas )2
. (3.24)

At a given timestep, all the gas particles within the bi-cone have the same prob-
ability to be ejected. A random number xi , uniformly distributed in the interval
[0, 1], is drawn and compared with pi . For xi < pi , the particle is given a wind
velocity kick.
The inverse proportionality of pi with Ṁ cone

gas ensures that the number of particles
kicked does not depend on the geometry of the volume, but depends on ṀWind

only. The quantity ṀWind¶t is the mass of gas to be kicked. The probability is
constructed such that the available particles (total mass Ṁ cone

gas within bi-cone) are
sampled to reproduce kicking at the rate given by ṀWind, on average. During a
simulation, it is always ensure that pi < 1.
After receiving AGN wind kick, a gas particle’s velocity becomes:

~unew = ~uold � vWindẑ , (3.25)

where the + or � is chosen, depending on the location of the gas particle w.r.t.
the SMBH. This approach is chosen for its numerical simplicity and has to be
improved in future simulations.
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R E S U LT S

4.1 supermassive black holes

4.1.1 Eddington-Ratio Evolution

Figure 4.1 shows the redshift evolution of the Eddington-ratio, fedd, distribution
of all BHs in the simulations. The vertical bar with a grey gradient visualises the
adopted smooth division between the radio- (diminishing when fedd > 0.05) and
quasar-mode (dominant above fedd > 0.05) in the simulation code (as explained
in Section 3.4.3). The simulated fraction of AGN which are accreting at small
Eddington-ratios ( fedd < 0.1) increases visibly with decreasing redshift. The simu-
lation confirm that the quasar-mode dominates at z � 2 � 3, as mentioned earlier
in Sec. 2.4.1. This illustrates a downsizing trend, in which the SMBHs at later
times mainly reside in a decline dominated ’blow-out’ accretion phase. In addi-
tion it made visible, that the fiducial simulation (Fid.)is shifting to a lower fedd

earlier than the SMBHs in the other simulations. At z = 0 however, the fedd dis-
tribution is almost equal for all simulations. This predicted BH accretion history
is in qualitative agreement with several observational studies (Vestergaard [185];
Kollmeier et al. [112]; Kelly et al. [107]; Schulze and Wisotzki [155]; Steinhardt
and Elvis [172]; Kelly and Shen [106]).

43
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Figure 4.1: Eddington ratio distributions for different redshifts z = 0, 1, 2, 3. The verti-
cal grey colour gradient visualises the smooth distinction between radio- and
quasar-mode adopted in the model. A larger version is shown in Fig. B.1

Furthermore can be deduced from Fig. 4.1, that many SMBH mergers took
place between z = 1 � 2 as a consequence of the growth of density fluctuations
(d µ exp(Ht ) for a dark energy-dominated era), leading to culmination of matter
and hence SMBHs mergers, reducing the total number of SMBHs in the simula-
tion.

How well the redshift evolutions of the simulated Eddington-ratios with obser-
vations agree is shown in Fig.4.2. Since the observational data set by Shen and
Kelly [158] (black filled circles in the figure) includes only broad-line quasars
with magnitudes above M i < � 22 (which equals a luminosity of � 1044 erg s� 1),
only those SMBHs fulfilling this criterium are considered and averaged. In both
simulations and observations, the Eddington-ratios are decreasing with decreas-
ing redshift. The higher fluctuations at small redshifts originate from the higher
snapshot number due to log(a) spacing in time for comoving integration. Addi-
tionally, valuable information can be found when separating the AGN sample
into different AGN luminosity bins (Fig. 4.3a) and different BH mass bins (Fig.
4.3b). Fig. 4.3a illustrates that on average for the entire redshift range since z � 4,
the most luminous AGN (most left panel) accrete at the highest Eddington-ratios
(0.1 < log( fedd) < � 1.3). This is simply due to that equation used to derive the
AGN luminosity, as was discussed in 3.4.3. The highest fedd for the mass bins are
found for the lightest SMBHs in redshifts z < 2, since they haven’t ejected much
energy yet in their surrounding, quenching their own growth rate. The diagram
of the most massive SMBHs starts at a lower redshift, since SMBHs have first to
form through mergers. Interestingly, for the first three most luminous bins, the
fiducial has a larger or equal fedd than the other simulations, whereas for the first
three most massive bins, it has a lower fedd. This derives from the different kinetic
AGN feedback models used. While the fiducial simulation uses the kinetic feed-
back thermally, the other impart a velocity on random gas particles, therefore they
heat less the SMBHs environment and can accrete more. From Fig. 4.1 we know
that at redshifts < 1 most SMBHs are in the radio-mode where the kinetic AGN
feedback becomes dominant. Since the difference between the fiducial and the
other simulations is mainly at redshifts > 1, one suspects a different feedback ef-
ficiency of the quasar-mode in the simulations. The simulated interplay between
SMBH mass, luminosity and Eddington-ratio is in good qualitative agreement
with the semi-analytic model by Hirschmann et al. [91]. This confirms that a con-
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Figure 4.2: Redshift evolution of the mean Eddington ratios for SMBHs with Lbol >
1044 erg s� 1. The grey dots represent observational data by Shen and Kelly
[158].

(a) Luminosity bins

(b) Mass bins

Figure 4.3: Luminosity and mass binned redshift evolution of the mean Eddington-ratios.
The upper Fig. shows the luminosity bins: L > 1045 erg s� 1 (left), 1044 < L <
1045 erg s� 1 (2nd from left), 1044 < L < 1044 erg s� 1 (2nd from left), and L <
1043 erg s� 1 (right). The lower Fig. shows the mass bins: M > 109 M � (left),
108 < M < 109 M � (2nd from left), 107 < M < 108 M � (2nd from left), and
M < 107 M � (right).
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nection between SMBH masses and AGN luminosities seems to be a necessary
condition for reproducing a downsizing trend in SMBH growth.
In Fig. 4.1 the growth in total SMBH mass of the BCG is shown.

Figure 4.4: Redshift evolution of the total mass of SMBHs in a sphere with a radius of
2000 kpc h� 1 around the BCG.

4.1.2 BH-Galaxy Mass Scaling Relations

The fundamental relation between the central galactic SMBH mass M BH and the
stellar galactic bulge mass M � (also called the Margorrian relation) is shown in
Figure 4.5 for all subhalos in the simulated galaxy cluster at the last five snap-
shots. Since our simulations do not have a high enough resolution to provide
sufficient morphological information of the galaxies, the stellar mass of the bulge
is approximated by taking the total stellar mass. Hence, all our galaxies consist
mainly of a spheroidal component. The dashed green lines in Fig. 4.5 indicate the
observations of McConnell and Ma [121] and the dotted lines enclose the region
containing the data.
As mentioned in Section 3.4.1, a SMBH with mass M seed= 4.4 � 105 M � is placed
into a halo whenever the on-the-fly Friend of Friendshalo finder identifies a struc-
ture that is more massive than a threshold mass M FoF = 1010 M � and does not yet
contain a SMBH. At seeding, the surrounding gas is usually dilute and the SMBH
accretes at low rates with a long Bondi growth time-scale. This means that the
growth is slower than the growth in stellar mass and therefore, the corresponding
galaxy evolves horizontally in the M BH � M � diagram. This phase is not visible in
Fig. 4.5 because of the resolution limitations. After some time, enough gas piles
up around the SMBH and produces higher accretion rates, allowing the it to even-
tually grow more rapidly, aided also by the runaway character of Bondi growth
due to its Ṁ µ M 2

BH dependency (3.9). Consequently, the slope in the M BH � M �
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diagram steepens. This steep increase in BH mass continues until the feedback
injection of the BH into its surrounding becomes self-regulated. In this final stage,
the SMBHs grow less rapidly and are mostly in the low accretion state, as indi-
cated by the face-colour of the dots. Furthermore, the scatter along the M BH � M �

relation at higher masses decreases. This is most likely a consequence of statistical
merging (e.g. Jahnke and Macciò [103]) and is also visibly in other simulation (e.g
Hirschmann et al. [90]; Steinborn et al. [171]). Compared with the observational

(a) Fiducial (b) KF050

(c) KF100 (d) KF500

Figure 4.5: Margorrian relation for the last five snapshots. The green dashed- and dotted-
lines symbolize the best fit to the observations of McConnell and Ma [121] and
their enclosed region containing the data respectively.

results, SMBHs in the simulation with the new kinetic feedback scheme imple-
mented have slightly overly massive SMBHs, which indicates a too high accretion
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rate in the quasar-mode. This was already noticed and explained at Fig. 4.3b.
Fig. 4.6 shows the best linear fit for SMBHs with M BH > 108, which is the approx-
imate mass at which the SMBHs in all simulations reach the Margorrian relation.
Compared to the observations, the simulations Fiducial and KF500 can be consid-
ered to have the best agreement. This is a direct consequence of the choice of the
feedback efficiency, which in counter-play to the cooling, sets the self regulated
state of the late time evolution. The other simulation run almost parallel to the ob-
served best-fit. Tab. 4.1 shows the best-fitting parameters a and b corresponding

Figure 4.6: Comparison of the linear fit of simulated SMBHs and observations.

to the fit function log(M BH/M � ) = a+ b � log(M � /1011 M � ) for all simulations.
The slope of the M BH � M � relation is relatively insensitive to the chosen value
of ef

1, not however the normalization due to M BH µ (ef er ) � 1. Hence, many
recent simulations which include BHs (e.g. Hirschmann et al. [93]) tuned these
parameters in order to reproduce the normalization of the observed M BH � M �

relation. The reason for the different slopes in the simulations compared to ob-
servations comes from the fact, that er is not a constant parameter in our AGN
feedback model, but calculated for every time-step. Nevertheless, the relative role
of AGN feedback and statistical merging in establishing the M BH � M � relation
and producing the observed slope still remains a matter of debate.

4.1.3 M-sigma Relation

Another fundamental correlation between SMBHs and their host galaxies are be-
tween the SMBH mass and the velocity dispersion of galaxy bulge, which was

1 The choice of ef depends on the resolution, because at lower resolutions the feedback energy is
spread further away from the BH.
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Simulation ID a b s

McConnell and Ma [121] 8.46 � 0.08 1.05 � 0.11 0.45

Fiducial 8.53 0.64 0.14

KF050 8.82 0.99 0.16

KF100 8.81 1.01 0.16

KF500 8.78 1.02 0.18

Table 4.1: Best-fitting parameters and standard deviation for our runs in comparison to
the observations by McConnell and Ma [121]. All SMBHs with masses smaller
than M BH > 108 have been excluded to avoid seeding effects.

first found by Combes, Mamon, and Charmandaris [37] and Ferrarese and Mer-
ritt [72]. This relation usually takes the form of

M BH

M �
= A(

s
200 km/s

)a, (4.1)

where A is a constant, s is the stellar velocity dispersion of the galaxy bulge, and
a is a constant representing the slope of the M BH � s� relation.
For each SUBFIND-identified subhalo, the radius R1/2 containing 1/2 of the total
stellar mass is found. All SMBHs and stars within this radius are considered to
analyze this relation in the simulations.
To obtain the galactic stellar velocity dispersion s� , one hundred random line-of-
sight (LOS) directions are chosen around the subhalo center. All stars lying within
R1/2 from the center are picked, and the LOS velocity vLOS component of each is
found. The stellar velocity dispersion along each LOS direction is computed by
summing over all selected stars:

s� = ( hv2
LOSi � h vLOSi 2)1/2. (4.2)

This is repeated 100 times to obtain the median and standard deviations.
Fig. 4.7 shows the redshift evolution of M BH � s� relation for Fiducial, KF050,
KF100, and KF500. The figure includes the observational results by Tremaine et al.
[181]; Gültekin et al. [85]; Binney and Tremaine [18]; McConnell and Ma [121] as
dashed-lines with the shaded region displaying the measurement error for the
first two references. The observations all in good agreement with each other. The
results of the simulations are shown as a scatter plot with a colour gradient in-
dicating at which redshift the galaxies were analyzed. The solid lines with same
colour are the mean of the scatter for each analyzed redshift. It appears that at
high redshifts z > 2.3, s� is almost constant for the M BH-range (especially for
KF100 and KF500). As time progresses, a clear between M BH and s� becomes
visible, which likens the Margorrian relation. Albeit, when the SMBHs reach the
relation they have a too high mass for their s� with respect to the observational
study.
If the simulations are compared to the theoretically derived M BH � s� relation of
elliptical galaxies close to the cluster centre by Zubovas and King [195], which
were discussed in Sec. 2.4.1, a better agreement can be seen. Only the theoreti-
cal model for ellipticals is taken as comparison, since most galaxies in clusters
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are ellipticals and it is very unlikely to find spiral galaxies in the here analyzed
simulations. The simulations can be seen as supporting the theoretical model by
Zubovas and King [195]. However this relation has to be better analyzed in higher
resolution cluster simulations. It must also be mentioned, that the observational

a) Fiducial b) KF050

c) KF100 d) KF500

Figure 4.7: Redshift evolution of the fundamental M BH � s� relation for redshifts z =
2.3, 1.1, 0.7, 0.5, 0.3, 0.1, 0 for the simulations: Fiducial (top-left), KF050 (top-
right), KF100 (bottom-left), KF500 (bottom-right).

trends are often derived from data sets that do not make a distinction between
ellipticals and spirals, or the galaxy environment (inside a cluster or in the field).
McConnell and Ma [121] made distinctions between spiral and ellipticals, not
however of the environment. Thus, Fig. 4.7 shows the slope for ellipticals of the
data set McConnell and Ma [121] used.) Since spiral galaxies have a lower veloc-
ity dispersion than elliptical galaxies, it will lower the general trend and bring it
further apart from the results of the galaxies inside the simulated cluster.
Fig. 4.8 shows the resulting diagram obtained from the simulations for z = 0. The
median s� is depicted by the plotting symbol and the same coloured lines their
linear fit. The same observational derived relations come from the same publica-
tions as the ones use for Fig. 4.7 and the same colouring is used.

The tight relation could also be used to tune the feedback model, however most
groups focus on the ratio between black hole mass and stellar/bulge mass.
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